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Abstract
Context: The Galilean moons are expected to have formed in a circumplanetary disk (CPD) and ex-
hibit a characteristic compositional gradient: an increasing ice mass fraction with increasing distance
from Jupiter. Ice released from hydrated silicates formed inside planetesimals might be the cause of
this compositional gradient. One of the mechanisms known to cause significant heat in the early solar
system is radiogenic heating by 26𝐴𝑙, so a different formation time for each Galilean moon could po-
tentially explain a fully dehydrated Io, a low ice mass faction on Europa and ∼ 50% ice mass fractions
on Ganymede and Callisto.
Aims: We aim to determine the mass fraction of hydrated silicates of the planetesimals in Jupiter’s CPD
formed by radiogenic heating of 26𝐴𝑙 to constrain the formation times of the Galilean moons.
Methods: This is done using a numerical thermal evolution model capable of evolving planetesimals
over time and altering the composition based on the internal temperature. Planetesimals are initiated
with an ice mass fraction, temperature and ammonia ice concentration similar to the dust in the CPD.
Their interior compositions alter by aqueous alteration, differentiation and dehydration.
Results: Hydration of rocks inside planetesimals does not occur for formation times later than 4 Myr
after Ca-Al inclusion (CAI) formation, and a mass fraction of hydrous rocks of 73% is formed for 3 Myr
after CAI formation. Larger planetesimals able that produce hydrated silicates dominate the composi-
tional evolution of the population. A reduction in ammonia concentration in the ice by 50% increases
the time needed to create hydrated silicates at 3 Myr after CAI formation from 1.5 Myr to > 2 Myr.
Conclusions: If Io formed before 4 Myr, it should have lost its ice no later than 1 Myr to prevent aque-
ous alteration. The low ice mass fraction on Europa could be explained by planetesimals formed at
3 Myr after CAI formation over a period of 1.5 Myr with a hydrous rock mass fraction of 66%, able to
release 6.3% ice mass by dehydration. If the interior of Ganymede differentiated by radiogenic heating,
the planetesimals should be formed before 4 Myr after CAI formation. Callisto’s partially differentiated
interior requires formation times of planetesimals after 4 Myr after CAI formation.
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Nomenclature
Abbreviations and acronyms

A&A Astronomy and Astrophysics

CAI Ca-Al inclusions

CPD Circumplanetary disk

JI Jovian satellite I: Io

JII Jovian satellite II: Europa

JII Jovian satellite III: Ganymede

JIV Jovian satellite IV: Callisto

JUICE Jupiter Icy Moons Exporer

ProDiMo Protoplanetary Disk Model

SI Streaming Instability

SLRN Short-lived radionuclides

Constants

𝜎 Stephan-Boltzmann constant 5.670 374 419 × 10−8Wm−2 K−4

𝐴𝑈 Astronomical Unit 1.495 978 71 × 1011m

𝐺 Gravitational constant 6.674 30 × 10−11m3 kg−1 s−2

𝑅𝑗 Radius of Jupiter 6.9911 × 107m

Symbols

(𝑁/𝐻)/(𝑁/𝐻)⊙ Nitrogen enrichment

�̄� Mean thermal diffusivity

�̄� Mean density

�̄� Mean specific heat

�̄� Mean thermal conductivity

Δ𝑓ℎ Hydrous rock lost due to dehydration reaction

Δ𝑓𝑖 Ice lost during ice melting

Δ𝑓𝑤 Water production during ice melting

Δ𝑅 Numerical planetesimal layer thickness

Δ𝑡 Numerical time step

Δ𝑇𝑚 Difference in melting temperature

𝜖 Mass fraction error
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x Nomenclature

𝜖𝑚 Aliasing error introduced by layer differentiation

𝜅 Thermal diffusivity

𝜆 Decay constant

𝜆26𝐴𝑙 Decay constant of 26𝐴𝑙

𝜆60𝐹𝑒 Decay constant of 60𝐹𝑒

𝜌 Density

𝜌𝑝 Planetesimal density

Σ𝑔 CPD surface density

𝜏𝐼 Timescale of type-I migration

𝜏𝑠 Settling time of differentiation

𝜏𝑎𝑐𝑐 Duration of accretion
26𝐴𝑙 Radioactive isotope aluminium-26
27𝐴𝑙 Stable isotope aluminium-27
60𝐹𝑒 Radioactive isotope iron-60

𝐴 Linear ammonia concentration parameter for the computation of melting temperature

𝑎 Cubic pressure parameter for the computation of melting temperature

𝐴26𝐴𝑙 Radiogenic heat of 26𝐴𝑙 generated in rock

𝐴60𝐹𝑒 Radiogenic heat of 60𝐹𝑒 generated in rock

𝐵 Cubic ammonia concentration parameter parameter for the computation of melting temperature

𝑏 Linear pressure parameter for the computation of melting temperature

𝐶 Shared pressure and ammonia concentration parameter for the computation of melting temper-
ature

𝑐 Specific heat

𝐶1 SI computation parameter

𝑑 Radial distance to Jupiter

𝐸𝑎 Gravitational binding energy

𝐸26𝐴𝑙 Decay energy of 26𝐴𝑙

𝐸60𝐹𝑒 Decay energy of 60𝐹𝑒

𝑓 Mass fraction

𝑓26𝐴𝑙 Fraction of radioisotope 26𝐴𝑙 to stable isotope 27Al

𝑓60𝐹𝑒 Fraction of radioisotope 60𝐹𝑒 to its stable isotopes

𝑓𝐴𝑙 Abundance of aluminium

𝐻 Dehydration heat

ℎ Histogram bin settings

𝑗 Numerical planetesimal layer indicator



Nomenclature xi

𝐾 Thermal conductivity

𝐿 Latent heat of water

𝑀0 Truncation mass

𝑀𝑝 Planetesimal mass

𝑀𝑅 Mass of the surface layer

𝑀p,min Minimal planetesimal mass

𝑚26𝐴𝑙 Nucleus mass of 26𝐴𝑙

𝑚60𝐹𝑒 Nucleus mass of 60𝐹𝑒

𝑀𝑡𝑜𝑡 Total SI population mass

𝑁 Number of planetesimals

𝑛𝑚 Number of melted layers

𝑝′ Powerlaw coefficient for SI computations

𝑃 Pressure

𝑃sub Sublimation pressure

𝑄𝑅 Energy in the surface layer

𝑄cond Energy from conduction between layers

𝑄rad Energy from surface radiation

𝑄26𝐴𝑙 Energy generated by 26𝐴𝑙 decay

𝑅 Radius

𝑅𝑚 Radius of all melted layers

𝑅𝑝 Planetesimal radius

𝑅𝑟 Radius of rocky core

𝑅Hill Hill radius

𝑅r,num Numerical radius of rocky core

𝑅r,real True radius of rocky core

𝑅𝑚𝑖𝑛 Minimum planetesimal radius

𝑇0 Initial temperature

𝑇𝑛𝑗 Temperature inside layer j for time instance n

𝑡1/2,26𝐴𝑙 Half-life of 26𝐴𝑙

𝑡1/2,60𝐹𝑒 Half-life of 60𝐹𝑒

𝑡dehydration,start Start time of the dehydration reaction

𝑡dehydration,stop End time of the dehydration reaction

𝑇dehydration Dehydration temperature

𝑇dust Midplane dust temperature



xii Nomenclature

𝑡end End of formation after CAI formation

𝑡ice,start Start time of ice melting

𝑡ice,stop End time of ice melting

𝑇j=0,max Maximum core temperature

𝑇melt Melting temperature

𝑡start Start of formation after CAI formation

𝑋NH3 Ammonia mass concentration

𝑋NH30
Original ammonia concentration in the CPD

Composition subscripts

ℎ Hydrous rock

𝑖 Ice

𝑟 Anhydrous rock

𝑤 Water



1
Introduction

The Galilean moons are four giant satellites orbiting Jupiter at low eccentricity and inclination, a feature
of regular moons that also points towards them being formed in a circumplanetary disk (CPD) around
Jupiter (Lunine and D. Stevenson 1982; Canup and Ward 2002). The Galilean moons developed a
compositional gradient, and when using gravity and magnetic field data along with imaging and infrared
observations the approximate ice mass fractions for the moons Io, Europa and both Ganymede and
Callisto are 0%, ∼5-8%, and ∼ 50% respectively (Schubert, Anderson, et al. 2004; Ogihara and Ida
2012). The two categories of theories to explain the ice fractions currently observed are that the ice
mass fractions are primordial and have not changed over time, whereas the other theories state that
the initial ice fraction has altered over time. Mosqueira and Estrada 2003 claimed that the conditions in
the disk were such that the inner moons formed containing the currently observed ice mass fractions,
meaning their building block were already dehydrated. Others explain that the moons all formed in
ice-rich environments and lost their ice over time due to various mechanisms (Canup and Ward 2009;
Ronnet, Mousis, and Vernazza 2017).

If moon formation proceeded similarly to planet formation, they may have accreted from planetes-
imals that formed in the CPD. The formation of planetesimals can be described by the streaming in-
stability (SI) theory, where solid particles are concentrated in satellite forming regions due to the gas
drag experienced in the disk and collapse into planetesimals due to gravitational collapse (Youdin and
Goodman 2005; Johansen et al. 2014). Planetesimals can serve as seeds for the formation of larger
bodies such as the Galilean moons. Typical planetesimals that are produced by the SI have a radius of
around 10-100 km (Simon et al. 2016). If the Galilean moons formed from planetesimals, the planetes-
imals can undergo interior evaluation prior to incorporation into the moons, potentially explaining the
resulting composition of the forming Galilean moons. The planetesimal internal temperature is driven
by heating sources such as accretional heating, radiogenic decay of short-lived radionuclide (SLRN),
tidal heating and viscous heating and may increase above the melting temperature of ice, causing par-
tial or full differentiation of ice and rock (Tobie et al. 2014). Furthermore, aqueous alteration could cause
serpentinization of olivine-rich rocks and might have produced highly hydrated rocky cores (Castillo-
Rogez and Lunine 2010). If a forming Galilean moon loses its primordial icy mantle, water in the form
of hydrated silicates could remain in the hydrous cores formed by aqueous alteration and be released
to the surface by dehydration. Hydration of silicates in the CPD could thus explain the low ice mass
fraction of Europa (Kargel et al. 2000).

A major contributor to the thermal budgets of forming moons is the short-lived radionuclide 26𝐴𝑙,
which was first investigated by Urey 1955. Later work by Lichtenberg et al. 2019 has shown the drastic
impact on dehydration of the planetesimals. Dehydration implies both the removal of hydrous com-
pounds from silicates and the devolatilisation of icy bodies. When combining the dehydrating potential
of the short-lived radionuclide 26𝐴𝑙 and the debated origin of the compositional gradient, conclusions
can be drawn about the correlation between the two, and possible constraints for the processes of the
formation can be formulated. The isotope 26𝐴𝑙 is not produced in the solar system itself but is seeded
by external stellar winds or supernovae (Young 2014; Gounelle 2015). This means the concentration
will not have been the same for every planetary system in the universe, and different planetary and/or
lunar compositions could be observed in other systems with different initial concentrations of short-lived
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2 1. Introduction

radionuclides.
The dispersal of the solar nebula is estimated based on paleomagnetic analysis to have occurred

3.8 Myr after the solar system formation (Wang et al. 2017). Studies of meteorite paleomagnetism
have shown that the formation of Jupiter according to the core accretion assumption grew via runaway
gas accretion between 3.46 to 3.94 Myr after the formation of the first solids in the solar system, Ca-Al
inclusions (CAI) (Weiss and Bottke 2021). The Galilean moons are believed to have formed near the
end of the accretion of Jupiter as gas inflow to the planet slowed in the post-runaway growth stage.
The moons are the surviving generation with earlier generations of satellites being lost to collisions with
Jupiter (Canup and Ward 2009). Io either has to be formed completely ice-free or lose its initial ice over
time. Tidal heating is often mentioned as the main driver for this loss of ices, but efficiencies of ice
loss would have to be highly energy efficient for tidal heating to prove as the only driving force behind
the dehydration on Io (Bierson and Nimmo 2020; Bierson and Steinbrügge 2021). The composition
of Europa is situated between the fully dehydrated Io and ∼50% ice mass Ganymede and Callisto,
therefore also pointing towards a different compositional evolution. During its formation, the disk tem-
perature around Europa is expected to have been too warm for ices to accrete onto the forming satellite
and in order to explain the small amounts of hydrous material, the ice line moved within the satellite’s
orbit allowing the accretion of hydrous material (Canup and Ward 2009). Another explanation is that
the low ice mass fraction formed from dehydration of hydrous material that formed in planetesimals.
The aqueous alteration of planetesimals forms hydrous silicates that can remain inside a forming moon
even if all its ice is lost due to various mechanisms (Kargel et al. 2000). The two moons with the highest
concentration of ice are limited in formation time and the duration of formation to prevent the melting of
ices. For Callisto, the interior is expected to be partially differentiated which poses another limit on the
temperatures reached during formation (Schubert, D. J. Stevenson, and Ellsworth 1981). For Callisto
to avoid melting by radiogenic heating during its accretion its formation must have completed no earlier
than ∼2.6 to 3 Myr after CAI formation (McKinnon 2006). Adding accretional heating extends this end
of formation to 4 Myr after CAI formation (Barr and Canup 2008).

The reason that the compositional gradient of the Galilean moons is of interest to researchers, is
because the moons are characterised by their co-planar, low inclination/eccentricity and prograde orbits
and thus show resemblance to a planetary system. The six inner planets with a relatively similar radius
of the TRAPPIST-1 system share a satellite/parent body ratio, potentially implying a similar formation
history (Gillon et al. 2017). By understanding the dehydration effects of short-lived radionuclides on
these satellite forming regions, assumptions about newly discovered exoplanets can bemade regarding
their ice fraction, taking into account that the fraction of 26𝐴𝑙 can be different from the one in the solar
system. This could lead to a majority of icy planets or completely dehydrated planets.
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1.1. Research questions
Following the theory discussed above, a research question has been formulated:

When did the Galilean moons form based on short-lived radionuclide heating?

Alongside the research question, several sub-questions have been formulated:

1. How does the total and individual composition of a population of planetesimals change when
subjected to internal radiogenic heating?

(a) What are the driving parameters for compositional changes due to radiogenic heating?
(b) To what extent does ammonia ice affect the compositional changes?
(c) Is there a preferred environment for the creation of hydrous rocks in planetesimals?

2. What are the constraints concerning the formation of the Galilean moons assuming their ice mass
fraction was lost by radiogenic heating?

(a) At what formation time does 26𝐴𝑙 not contribute to the production of hydrous rocks.
(b) What locations in the CPD around Jupiter can be (de)hydrated by the effects of 26𝐴𝑙.
(c) How long do planetesimals need to survive in the CPD in order for aqueous alteration and

differentiation to occur?

1.2. Report outline
This thesis will be presented in the form of a journal article and is shown in chapter 2. Verification and
validation methods of the computations in the journal article are given in chapter 3. Conclusions and
recommendations will be shown in chapter 4





2
Journal article

The bulk of this thesis has been documented in the form of a journal article, which will be presented
in this chapter. The template chosen for this was taken from the journal Astronomy and Astrophysics
(A&A).
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ABSTRACT

Context. The Galilean moons are believed to have formed in a circumplanetary disk (CPD). It is still unknown why the composition
of the moons becomes increasingly icier with increasing distance from Jupiter. Ice released from hydrated silicates formed inside
planetesimals might be the cause of the compositional gradient of the Galilean moons. Decay of the short-lived radionuclide (SLRN)
over time reduces the radiogenic heat in planetesimals meaning less compositional alterations occur for late formation times. Different
formation times for each Galilean moon could potentially explain a fully dehydrated Io, a low ice mass faction on Europa and ∼ 50%
ice mass fractions on Ganymede and Callisto.
Aims. We aim to determine the mass fraction of hydrated silicates of the planetesimals in Jupiter’s CPD formed by radiogenic heating
of 26Al to constrain the formation times of the Galilean moons.
Methods. We produce a population of planetesimals based on the assumption that they form by the streaming instability mechanism.
The formed planetesimals are analysed by a thermal interior evolution model using radiogenic heating and surface radiation. Plan-
etesimals are initiated with an ice mass fraction, temperature and ammonia ice concentration similar to the dust in the CPD. Their
interior compositions alter by aqueous alteration, differentiation and dehydration.
Results. Large planetesimals that show differentiation and hydration of silicates dominate the compositional evolution of the popula-
tion. No hydrous rocks are formed for late formation times of 4 Myr after Ca-Al inclusion (CAI) formation, increasing to a weighted
average hydrous rock mass fraction inside the CPD of 73% for formation of 3 Myr after CAI formation. A reduction in ammonia by
50% increases the time needed to create hydrated silicates at 3 Myr after CAI formation from 1.5 Myr to > 2.0 Myr.
Conclusions. Our findings suggest that Io and Europa should have formed before 4 Myr after CAI formation and have lost its ice no
later than 1 Myr to prevent aqueous alteration. After 1.5 Myr the mass fraction of hydrated silicates is 66%, able to dehydrate and
create a 6.3% ice mass Europa. If the interior of Ganymede differentiated by radiogenic heating, the planetesimals should be formed
before 4 Myr after CAI formation. Callisto’s partially differentiated interior requires formation times of planetesimals after 4 Myr
after CAI formation.

Key words. Galilean moons – Short-lived radionuclides – Satellite formation

1. Introduction

Jupiter has four large regular moons that are expected to have
formed in a CPD (Lunine & Stevenson 1982; Canup & Ward
2002; Mosqueira & Estrada 2003). These Galilean moons ex-
hibit a radial compositional gradient, becoming increasingly icy
with increasing distance from Jupiter. Their ice mass fractions
have been given in Table 1. The origin of this compositional gra-
dient is not fully understood. The currently observed ice mass
fractions are either primordial or have developed over time by
(de)hydration. Europa is different with respect to the other three
moons since it is situated between the fully dehydrated Io and
the ∼50% ice by mass Ganymede and Callisto. The low ice mass
fraction on Io and Europa were taken as evidence of their forma-
tion in hot regions of the CPD, largely inside the ice-line where
water exists as ice (Lunine & Stevenson 1982). The ∼5-8% ice
content of Europa could have accreted during the final stages of
its formation if the CPD cooled and the water ice-line swept in-
wards across the satellite’s orbit (Canup & Ward 2009). Alterna-
tively, Io and Europa may initially have been as icy as Ganymede

and Callisto, but lost their ice to hydrodynamic escape (Bierson
& Nimmo 2020). Other mechanisms that induce ice loss might
have been giant impacts during formation (Dwyer et al. 2013)
and tidal heating (Hay et al. 2020), the latter requiring extreme
efficient ice loss to cause composition changes (Bierson & Stein-
brügge 2021).

The Galilean moons are believed to have formed near the
end of the accretion of Jupiter as gas inflow to the planet slowed
in the post-runaway growth stage. The moons are the surviv-
ing generation with earlier generations of satellites being lost
to collisions with Jupiter (Canup & Ward 2009). The dispersal
of the solar nebula is estimated based on paleomagnetic analy-
sis to have occurred ∼3.8 Myr after the solar system formation
(Wang et al. 2017). Studies of meteorite paleomagnetism have
shown that the formation of Jupiter according to the core accre-
tion assumption grew via runaway gas accretion between 3.46 to
3.94 Myr after the formation of the first solids in the solar sys-
tem, Ca-Al inclusions (CAI) (Weiss & Bottke 2021). For Cal-
listo to avoid melting by radiogenic heating during its accretion
its formation must have completed no earlier than ∼2.6 to 3 Myr

Article number, page 1 of 19
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Table 1. Characteristics of the Galilean moons, with the distance from
Jupiter d expressed in RJ , the radius of Jupiter. R is the radius of the
moons (Schubert et al. 2004; Ogihara & Ida 2012).

Moon d [R j] R [km] Ice fraction
Io 5.9 1822 0
Europa 9.4 1565 5-8%
Ganymede 15.0 2631 45%
Callisto 26.4 2410 56 %

after CAI formation (McKinnon 2006). Adding accretional heat-
ing extends this end of formation to 4 Myr after CAI formation
(Barr & Canup 2008).

If moon formation proceeded similarly to planet formation,
they may have accreted from planetesimals that formed in the
CPD. The formation of planetesimals can be described by the
streaming instability (SI) theory, where solid particles are con-
centrated in satellite forming regions due to the gas drag experi-
enced in the disk and collapse into planetesimals due to gravita-
tional collapse (Youdin & Goodman 2005; Johansen et al. 2014).
Planetesimals can serve as seeds for the formation of larger bod-
ies such as the Galilean moons. Typical planetesimals that are
produced by the SI have a radius of around 10-100 km (Si-
mon et al. 2016). If the Galilean moons formed from planetes-
imals, the planetesimals can undergo interior evaluation prior
to incorporation into the moons, potentially explaining the re-
sulting composition of the forming Galilean moons. The plan-
etesimal internal temperature is driven by heating sources such
as accretional heating, radiogenic decay of short-lived radionu-
clide (SLRN), tidal heating and viscous heating and may in-
crease above the melting temperature of ice, causing partial or
full differentiation of ice and rock (Tobie et al. 2014). Further-
more, aqueous alteration could cause serpentinization of olivine-
rich rocks and might have produced highly hydrated rocky cores
(Castillo-Rogez & Lunine 2010). If a forming Galilean moon
loses its primordial icy mantle, water in the form of hydrated sil-
icates could remain in the hydrous cores formed by aqueous al-
teration and be released to the surface by dehydration. Hydration
of silicates in the CPD could thus explain the low ice mass frac-
tion of Europa (Kargel et al. 2000). The presence of ammonia al-
ters the melting curves of ices (Leliwa-Kopystyński et al. 2002).
Ammonia-containing planetesimals are expected between 5-10
au given the high nitrogen enrichment in Jupiter (N/H)/(N/H)�
= 3.3 (Owen & Encrenaz 2003), and outer solar circumstellar-
disk modelling suggests the ammonia fraction relative to water
NH3/H2O is 14% (Dodson-Robinson et al. 2009).

Work by Lichtenberg et al. (2019) has shown that the decay
heat from the SLRN 26Al is able to power the interior evolution
of planetesimals in the early solar system by causing silicate
melting and degassing of primordial water abundances (Mon-
teux et al. 2018). If the half-life of a SLRN is comparable to the
formation time of satellites inside a CPD, its heating potential
is much lower at the end of formation compared to the initial
start of formation. The most potent SLRN in the early solar sys-
tem is 26Al, with a half-life t1/2,26Al of 0.717 Myr (Norris et al.
1983). The fraction of the radio-isotope over its stable compo-
nent 26Al/27Al during CAI formation is 5.23±0.13×10−5 (Jacob-
sen et al. 2008; Davis et al. 2014). Besides 26Al, the most potent
SLRN is 60Fe. A rough estimate on the heat production between
26Al and 60Fe in section B.1 shows 60Fe only becomes domi-
nant over 26Al at 12.6 Myr after CAI formation, potentially after
the stage of Galilean moon formation. Planetesimals formed in
a CPD around Jupiter would have formed much later compared

to the ones formed in the circumstellar disk. A difference in for-
mation time could alter the heating potential of 26Al, leading to
either the absence, melting or preservation of initial ices in form-
ing planetesimals. Even in the late stage of > 3 Myr as expected
for Jupiter’s formation, could 26Al still play a large role in com-
position alterations and the hydration of silicates by aqueous al-
teration?

In this work, we aim to determine the formation times of the
Galilean moons by:

1. Modelling planetesimal population
2. Modelling thermal evolution of that population:

– for different 26Al concentrations (formation times)
– for different ammonia ice fractions

3. Studying resulting planetesimal composition
4. Seeing for what formation time and after how much time

hydration of silicates and differentiation occurs that could
explain the composition of the Galilean moons

The numerical method of both the planetesimal population gen-
eration and the thermal evolution model along with chosen vari-
ables are described in section 2. In section 3 the results are pre-
sented, followed by a discussion of the obtained results where
they are analysed and tied to the formation of the Galilean moons
is section 4. A conclusion is presented in section 5.

2. Numerical model

The numerical model is based on the following mechanisms and
assumptions:

1. The properties of dust in the CPD are determined using a
thermochemical disk model.

2. A planetesimal population forms instantaneously within the
CPD via streaming instability and does not accrete any ma-
terial after formation.

3. Planetesimal interiors are initially homogeneous and have a
similar temperature, ice mass fraction and ammonia ice con-
centration relative to the dust in the CPD.

4. Planetesimals undergo interior thermal evolution based on
radiogenic heating and surface radiation causing aqueous al-
teration, differentiation and dehydration.

5. Planetesimals remain in the CPD and survive against migra-
tion/gas drag.

The interior thermal evolution of the planetesimals is modelled
using the numerical method of Wakita & Sekiya (2011), updat-
ing the composition of each planetesimal according to the ob-
tained temperatures. This work also builds upon the existing
thermal model to include the processes of refreezing, realistic
radiative surface cooling and ammonia ice. If the planetesimals
formed instantaneously, their gravitational binding energy per
unit mass Ea ∼ (GMp/Rp), taken as a reference for energy from
accretion is Ea ∼ 3.6 × 104 J kg−1 for the largest planetesimal
with Rp = 400 km. This is smaller than the latent heat of wa-
ter (3×105 J kg−1) and raises the temperature by approximately
40 K (Barr & Canup 2008). No melting would thus occur given
planetesimals are assumed to accrete instantaneously and retain
all their accretional energy. Since migration is not taken into ac-
count, a planetesimal formed with certain CPD conditions re-
mains in place during the entire thermal evolution. Taking again
the largest planetesimals with Rp ∼ 400 km, type-I migration
timescales are expected of τI > 106 Myr for a surface density of
Σg ∼ 400 g cm−1, the largest gas surface densities observed in
the CPD (Tanaka et al. 2002; Canup & Ward 2009).
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Fig. 1. Radial circumplanetary midplane properties derived from ther-
mochemical disk model (Appendix A), dust temperature (blue) ice mass
fraction (green) and ammonia concentration (orange). The radial posi-
tion and the ice mass fraction of the four Galilean moons Io (JI), Europa
(JII), Ganymede (JIII) and Callisto (JIV) are indicated by the coloured
circles. The unstable region of the CPD outside 1/3 RHill is highlighted
in grey.

2.1. Ambient conditions in the CPD Midplane

The radial profile of a CPD around Jupiter inside a gap in the
circumstellar disk provides the initial compositional and ambi-
ent properties of the CPD dust and gas used in the thermal- and
compositional evolution of section 2.3 for the planetesimal pop-
ulation from section 2.2. An explanation of the disk modelling
code can be found in Appendix A. The radial profile provides the
ice mass fraction of the dust fi and the ammonia concentration
inside this ice XNH3 in percentage and midplane temperature Tdust
in K for given radial positions a in au, which provides input pa-
rameters to the thermal evolution of the planetesimals. Both the
initial planetesimal and the background thermal temperature are
equal to Tdust, since the gas and dust temperatures do not deviate
more than 0.5% in the optically thick regions of the CPD. The
relevant properties of the CPD midplane are shown in Figure 1.
The CPD is unstable and truncated around 1/3 of the compan-
ion’s Hill radius RHill, shown in the grey region (Martin & Lubow
2011; Shabram & Boley 2013). The temperature can be seen to
have a peak of 624 K decreasing to a minimum value of 51.2 K
due to the background radiative heating in the circumstellar gap,
which is in line with the expected approximate background tem-
perature of the dust in the circumstellar gap (Oberg et al. 2020).
The ice mass fraction of the dust becomes significant from a ra-
dius of 5.88 ×10−3 au onward, reaching a maximum value of
47.3%. The ammonia concentration peaks at 30.7%, showing
relatively lower values around the peak of the ice mass frac-
tion. This work focuses on locations in the CPD where the ice
mass fraction is non-zero, given it is required to perform aque-
ous alterations. We assume all rocks are initially anhydrous and
also consider variations of the radial ammonia ice mass fraction,
scaling the original ammonia concentration XNH30 by 100%, 50%
and 0%.

Fig. 2. Mass (blue) and radius (orange) distribution of the sampled plan-
etesimal population. The cumulative mass function for both distribu-
tions are given in their respective colours.

2.2. Streaming instability planetesimals

Abod et al. (2019) showed using numerical simulations of
streaming instability in a CPD characterised by its pressure gra-
dient and the balance between self-gravity and shear that the
cumulative planetesimal population distribution N(> Mp) as a
function of planetesimal mass Mp can be described by an expo-
nentially truncated power-law given in Equation 1 with parame-
ter C1 given in Equation 2.

N(> Mp) = C1M−p′+1
p eMp,min/M0 (1)

C1 = nMp′−1
p,mineMp,min/M0 (2)

In the above equation, p′ is the power-law coefficient determined
by literature, Mp,min the minimum planetesimal mass in the pop-
ulation in kg, M0 the truncation mass in kg and n the number
of planetesimals generated. The truncation mass M0 varies for
different locations inside the CPD based on the surface density
Σp and the orbital frequency Ω and is of the order 1020 kg at
the location of the ice-line (radius = 0.006 au). Sampling from
this cumulative distribution is done by taking the probabilities
from the theoretical distribution with a resolution linked to the
number of bins h from which planetesimals can be sampled until
desired disk mass Mtot is reached. A total mass of 3.2×1023 kg
is chosen, equal to the total mass of the satellitesimal popula-
tion used in the work of Batygin & Morbidelli (2020). Using the
variables from Table 2, 38093 planetesimals are generated and
shown in Figure 2. Due to the power-law distribution, smaller
bodies dominate the number density of the population. Accord-
ing to the cumulative mass function, it can be seen that 50% of
the mass is accounted for by all bodies with a mass larger than
1.04×1020 kg. This computes to a planetesimal with Rp 265 km
when assuming an ice mass fraction fi = 0.623 (ρ̄ = 1345), ra-
tios of Si : Fe : Mg = 1 : 1 : 1 given by the approximate ratios of
the solar abundance and the mineral inside the rock to be olivine
((Mg0.5,Fe0.5)2SiO4) (Wakita & Sekiya 2011).

Instead of determining the interior evolution of every indi-
vidual planetesimal within the population, the population is rep-
resented as 5 individual planetesimals with their number of oc-
currence shown in Table 3. The associated numerical error of
representing 38093 planetesimals with 5 individual radii is dis-
cussed in section C.1. The total mass fraction for different com-
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Fig. 3. Schematic representation of the numerical thermal evolution model and the different stages of icy planetesimal interior evolution. The
planetesimal with radius Rp is divided in layers of constant width ∆R. Initially, the planetesimal begins as being composed primarily of an
anhydrous rock and ice mixture. increased temperature causes ice to melt in stage 2. Stage 3 shows the separation of a rocky core and a liquid
water mantle, with the initial composition and ice melting regions on top.

Table 2. Variables used for planetesimal population distribution sam-
pling and Equation 1 and 2 (Abod et al. 2019; Batygin & Morbidelli
2020).

Sym Parameter Value Unit
p′ Power-law coefficient 1.3 -
Rmin Minimum radius 105 m
M0 Truncation mass 1020 kg
Mtot Total population mass 3.2 × 1023 kg
h Sampling histograms 105 -
ρp Planetesimal density 1345 kg m−3

Table 3. Planetesimal population from Figure 2 classified into five cat-
egories based on size.

Planetesimal radius Rp [km] Number of bodies
12 33391
103 3198
194 1456
285 566
376 82

positions is determined by multiplying the individual planetesi-
mal composition with its occurrence.

2.3. Thermal evolution

The numerical time integration is performed using an explicit
method defined by Wakita & Sekiya (2011), developed to anal-
yse the thermal evolution of icy planetesimals in the solar nebula
using a finite difference method where the planetesimal radius Rp
is divided in layers of constant layer thickness ∆R. A schematic
representation of the planetesimal used in this numerical inte-
gration is given in Figure 3. It is clear that the planetesimal is
divided into separate layers with thickness ∆R. For each layer
inside the planetesimal, the temperature at the following time
step ∆t is computed, altering the composition and thermal prop-
erties accordingly. The layers are thermally affected by internal
radiogenic heating of 26Al of and via conduction of their neigh-
bouring layers. The core and surface layers are treated separately
since they have only one neighbouring layer. The temperature
T n

j in K inside a layer j for time n is numerically integrated over
time ∆t to T n+1

j . For non-core and surface layers where j , 0 and
j , R/∆R − 1, Equation 3 is used. The thermal evolution of the

Table 4. Constants of short-lived radionuclide 26Al.

Sym Parameter Value Unit Source
fAl Al Abundance 8.37 × 10−3 - (1)
f26Al

26Al Abundance 5.0 × 10−5 - (1)
λ26Al Decay constant 9.63 × 10−7 yr−1 (2)
E26Al Decay energy 3.16 MeV (3)
m26Al Nucleus mass 25.98689186 u (4)

References. (1) Lodders (2019); (2) Jacobsen et al. (2008); (3)
Schramm & Wasserburg (1970); (4) Huang et al. (2017).

surface layer ( j = Rp/∆R − 1) is discussed in section 2.3.2.

T n+1
j = T n

j +
κ∆t
j∆r2

(
( j + 1)T n

j+1 − 2 jT n
j + ( j − 1)T n

j−1

)
+ κ∆t

A26Al

K
e(−λtn)

(3)

The core temperature T n+1
0 where j = 0, Equation 4 applies.

T n+1
0 = T n

0 +
6κ∆t
∆r2

(
T n

1 − T n
0

)
+ κ∆t

A
K

exp(−λtn) (4)

In the above equations, T n
j denotes the temperature in K at time

n in layer j, K is the thermal conductivity in W kg−1 K−1, t is
the time after CAI formation and λ is the decay constant for the
short-lived radionuclide. Furthermore, κ is the thermal diffusivity
in m2 s−1 and is computed in Equation 9. Finally, A26Al is the
radiogenic heat computed according to Equation 5 in W m−3.

A26Al =

(
E26Alλ26Al fAl f26Al

m26Al

)
ρ̄ fr (5)

The first part of the equation computes the decay energy of 26Al
in a kg of rock, with the second term computing the amount of
rock inside a layer of the planetesimal according to the rock mass
fraction and its mean density. Note the difference between the
fraction of aluminium fAl inside rocky material and the isotope
fraction of 26Al over 27Al f26Al. The bar symbol in ρ̄ indicates
the mean density and fr is the mass fraction of rock. The other
parameters for 26Al can be found in Table 4. Computing the mean
value of density ρ̄ along with the specific heat c̄ and thermal
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Table 5. Material properties of rock, water and ice used in Wakita &
Sekiya (2011).

Sym Parameter Unit Rock Ice Water
ρ Density kg m−3 3300 1000 1000
c Specific heat J kg−1 K−1 910 1900 4200
K Conductivity W m−1 K−1 3.0 2.2 0.56

conductivity K̄ is done by Equation 6, 7 and 8 respectively.

ρ̄ =

(
f r
ρr

+
fi
ρr

+
fw
ρw

)−1

(6)

c̄ = frcr + fici + fwcw (7)

K̄ = ρ̄

(
frKr

ρr
+

fiKi

ρi
+

fwKw

ρw

)
(8)

κ =
K
ρc

(9)

Subscripts r,i and w indicate rock, ice and water respectively,
and their material properties can be found in Table 5, where the
densities of ice and water are assumed to be equal (Yomogida
& Matsui 1983; Murphy & Koop 2005; Chronological Scientific
Tables 2010).

2.3.1. Interior composition evolution

The initial composition of the planetesimals formed by this
model is assumed to be a mixture of olivine and water ice (in-
cluding ammonia, see section 2.3.2). During the thermal evo-
lution of a planetesimal, the composition in a specific layer is
altered based on its temperature and thermal characteristics. The
different phases in the interior of the planetesimal are described
in the following sections. The first phase transition occurs when
the melting temperature of ice is reached and changes anhydrous
rocks into hydrous rocks. The second transition occurs at a simi-
lar temperature and transforms any remaining ice into liquid wa-
ter and the third is concerned with the differentiation of a rocky
core and a liquid water mantle. The last transition dehydrates the
hydrous rocks once the dehydration temperature is reached. The
combination of these phase transitions in each layer leads to dif-
ferent stages in the total composition of the planetesimals shown
in Figure 3, with an initial state defined as stage 1. For stage
2, several core layers have already reached the melting temper-
ature of ice, initiating the aqueous alteration reaction followed
by the melting of the remaining ice. If the ice content of a layer
is completely melted, the rocks sink to the core leaving a liquid
water mantle in between the formed rocky core and the initial
composition- and ice melting layers.

Aqueous Alteration

Once the melting temperature of ice inside a layer is reached, the
aqueous alteration reaction is assumed to occur instantaneously
and anhydrous rocks together with liquid water form hydrous
rocks. This process is shown in Equation 10 (Tomeoka & Buseck
1988). The terms in this equation from left to right correspond
to the molecular formulae of olivine, water, serpentine, saponite,
and magnetite.

(Mg0.5,Fe0.5)2SiO4 + H2O (aq)
= 1/3 (Mg0.8,Fe0.2)3Si2O5(OH)4

+1/12 (Mg0.8,Fe0.2)3Si4O10(OH)2

+1/4 Fe3O4 + 1/4 H2 (10)

Based on the molecular weights of Equation 10 the mass frac-
tion changes based on this chemical formula are given in Equa-
tion 11, 12 and 13 where fh and fw are the hydrous rock and
liquid water mass fractions. For fi = 0.095, all initial anhydrous
rock and ice is converted into hydrous rock, meaning excess ice
remains for fi > 0.095 and not all rocks can be hydrated for fi <
0.095. The density of the hydrous rock is lower compared to the
original anhydrous rock due to the incorporation of water and
computes to ρh = 2709.7 kg m−3.

fh = 1.104628 · fr (11)
fi = 1 − 1.904628 · fr (12)

fw = 0.8 · fr (13)

Ice melting

Once a layer has finished the aqueous alteration in which ice and
anhydrous rocks are converted to hydrous rocks for fi > 0.095,
excess ice remains inside the aqueous altered layer. The remain-
ing ice start melting, and the changing mass fractions of liquid
water ∆ fw and ice ∆ fi are computed by Equation 14 using the
latent heat of water L = 3.34 × 105 J kg−1 (Legates 2005).

∆ fw = −∆ fi = c̄(T n
j − Tmelt)/L (14)

During these compositional changes, the temperature in the
melting layer is kept constant at a value of Tmelt thus assum-
ing that all temperature increases power the phase change of ice
to liquid water. Changes according to Equation 14 continue until
fi < 0, at which point the ice mass fraction is set to zero and the
liquid water fraction equals fw = 1 − fh − fr.

Layer differentiation

For simplicity, the separation of the liquid water and rock layers
is assumed to happen at the exact moment of total melting of the
ice, given the settling time τs for 1 mm size rocks is of order
106 s and the thermal evolution of the order of 1 Myr. Wakita &
Sekiya (2011) At every time step ∆t the number of layers that
have finished melting nm (all layers where fi = 0) sink down
and the separation boundary radius for rock Rr in km is given
in Equation 15, where Rm is the radius of all melted layers, ob-
tained following Rm = nm∆R. The liquid water mantle originates
from Rr and continues up to Rm

Rr = ( frR3
m
ρ̄

ρr
)1/3 (15)

εm =
4
3
π((ρW − ρR)(R3

r,num − R3
r,real)) (16)

This does introduce an aliasing error since Rr is not necessarily
a multiple of ∆R. The numerical boundary Rr,num has an error
of at most 0.5∆R from the true separation boundary Rr,real. The
maximum mass error εm in kg with respect to the original plan-
etesimal can be computed using Equation 16. The planetesimal
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mass thus varies, increasing for Rr,num > Rr,real and vice versa.
This effect increases for larger nm, Rp and ∆R since the mass per
layer increases for larger radii. This error also decreases when
more hydrous rock is present in the core since it has a density
closer to water compared to anhydrous rock. The effect of εm is
shown in section C.3.

The newly formed liquid water mantle is at temperature
Tmelt, assuming all heat from the rocky core penetrates through
the liquid water mantle which remains in thermal equilibrium
thus assuming perfectly efficient convection. Allowing the rocky
core to interact with the surface makes sure the liquid water man-
tle does not act as an insulator for the heat of the rocky core, lim-
iting the heating of surface material and ultimately less hydrous
rock production.

Dehydration reaction

The hydrous rocks that formed in the aqueous alteration will
lose their water content via the dehydration reaction according
to Equation 17 when a layer reaches a temperature of 873 K
(Nozaki et al. 2006). The mineral composition is taken from
Tomeoka & Buseck (1988), assuming that the iron ratio of dehy-
drated olivine is similar to the serpentine and saponite (Wakita
& Sekiya 2011).

1/3 (Mg0.8,Fe0.2)3Si2O5(OH)4

+1/12 (Mg0.8,Fe0.2)3Si4O10(OH)2

= 5/8(Mg0.8,Fe0.2)2SiO4 + 3/4 H2O + 3/8 SiO2 (17)

It can be seen that the hydrated serpentine and saponite form de-
hydrated olivine, silica and water. The magnetite that is formed
from the aqueous alteration remains. The densities of the remain-
ing rocky compounds are again equal to ρr. The alteration of
hydrous mass fraction ∆ fh is computed using Equation 18.

∆ fh = −cr(T n
j − Td)/H (18)

In the above equation, cr is the specific heat of anhydrous rock
(see Table 5), Tdehydrate the dehydration temperature in K and
H the endothermic heat for the dehydration reaction equal to
4.17×105 J kg−1. Currently, the liquid water released inside a
layer during the dehydration reaction in the core does not dif-
ferentiate upward into the liquid water mantle. This process is
repeated until the mass fraction of the hydrated rock reaches 0.3,
which is the point where all serpentine and saponite have formed
olivine and silica. The remaining 0.3 is the remaining anhydrous
magnetite.

2.3.2. Additions to the thermal evolution model

We have expanded upon the thermal evolution model of Wakita
& Sekiya (2011) by including radiative cooling on the surface,
refreezing of the liquid water mantle, and the presence of ammo-
nia and its effect on reducing the ice melting temperature. The
addition of surface radiative cooling allows the surface temper-
ature to increase above the ambient background increasing tem-
peratures in the sub-surface layers. Sublimation and outgassing
are not modelled in this work but their potential is explored given
the current surface radiation assumptions. With added refreezing
of the liquid water mantle, the first layer at constant tempera-
ture Tmelt can decrease its temperature normally once all liquids
have frozen back to ice. This would ultimately allow the rocky

core to cool down, potentially lowering the maximum tempera-
tures reached. Testing if the temperature in the planetesimal ulti-
mately reaches equilibrium with the dust temperature is verified
in section B.3. The addition of ammonia into the ice has a signif-
icant impact on the ice melting temperature. The effects of these
proposed additions on the thermal modelling are shown in sec-
tion 3.1 and section 3.4 and their implementations are discussed
below.

Surface radiation

In the model proposed by Wakita & Sekiya (2011), the surface
temperature (where r = R) TR is kept equal to the disk tempera-
ture T0. We introduce black-body radiative cooling to the surface
layer. The CPD introduced in section 2.1 is assumed to be opti-
cally thick, meaning that the gas surrounding the planetesimal
would be heated by the thermal radiation of the planetesimal.
However, the orbital velocity of the gas differs by 1% of the
Keplerian velocity of the planetesimals (Batygin & Morbidelli
2020), meaning that the heated gas surrounding the planetesimal
is continuously replaced with cooler gas. Therefore we assume
the temperature of the circumplanetary disk gas surrounding the
planetesimal stays constant at T0. The energy budget for the sur-
face layer is given in Equation 19.

QR = Q26Al + Qcond − Qrad (19)

The energy balance computes the total energy in the surface
layer QR which is a summation of the heating by short-lived ra-
dionuclides Q26Al inside the surface layer, heating via conduction
by the sub-surface layer Qcond and the heat radiated away Qrad.
The aforementioned contributors to the energy budget in the sur-
face layer Q26Al, Qcond and Qrad are computed using Equation 20,
21 and 22 respectively.

Q26Al =
4
3
π(R3

p − (Rp − ∆r)3)A0e(−λ26 Alt
n) (20)

Qcond = 4πK̄
(
T n

R−∆r − T n
R

)
Rp( j − 1) (21)

Qrad = 4πR2
pσ

(
(T n

R)4 − T 4
0

)
(22)

In the present model, we consider the Stephan-Boltzmann con-
stant σ and the temperature of the sub-surface layer T n

R−∆r in
K, situated directly beneath the surface layer. The assumption is
made that the emissivity of the planetesimal is 1. Relating the
energy budget to the temperature increase is done with Equa-
tion 23, where the mass of the surface layer MR is computed.
The dependency of surface temperature and layer thickness is
discussed in section C.4.

T n+1
R = T n

R +
QR∆t
c̄MR

= T n
R +

QR∆t

c̄ρ̄ 4
3π

(
R3

p − (Rp − ∆R)3
) (23)

Refreezing

The liquid water mantle is at constant temperature Tmelt we as-
sume all liquid water layers are in thermal equilibrium due to the
convection of heat from the rocky core through the liquid water
mantle to the undifferentiated surface layers. With this assump-
tion, constant heating would be supplied to the cooling outer lay-
ers of the planetesimal. To account for this, the top layer of the
liquid water mantle is allowed to refreeze according to the in-
verse equation of Equation 14.
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Table 6. Ammonia ice melting temperature coefficients for Equation 24
from Leliwa-Kopystyński et al. (2002).

Sym Value Unit
b 7.95 × 10−8 K Pa−1

a 9.6 × 10−17 K Pa−2

A 53.8 K
B 650 K
C 4 × 10−8 K Pa−1

Table 7. Variables used in the numerical model, including base values
that are used to analyse the initial parameter variations unless stated
otherwise.

Sym Parameter Value Unit
Rp Planetesimal radius 50 km
fi Initial ice fraction 0.632 -
T0 Initial and background temperature 130 K
∆t Integration time step 100 yr
∆r Integration layer thickness 0.025 Rp
tstart time after CAI formation 1.0 Myr
tend Final time of computation 10.0 Myr
XNH3 Ammonia mass fraction 0.0 -

Ammonia ice

There is a significant amount of ammonia ice in the CPD icy dust
grains with a maximum mass fraction in the ice of 30.7%. Barr
& Canup (2008) showed that the duration of accretion to avoid
melting due to radiogenic and accretional heating of Callisto in-
creased by 0.1 Myr to τacc> 0.7 Myr when including only 5%
ammonia ice. Ammonia ice decreases the melting temperature
of the ice inside the planetesimal Tmelt(XNH3 , P), and is propor-
tional to the mass percentage of ammonia ice XNH3 and the pres-
sure P inside the planetesimal in Pa. The melting temperature
can be computed using Equation 24 with coefficients provided
in Table 6, taken from Leliwa-Kopystyński et al. (2002). This
implementation causes the ice in ammonia-rich planetesimals to
start melting at lower temperatures.

Tmelt(XNH3 , P) = 273.15 − bP − aP2 − AXNH3

− BX2
NH3
−CPXNH3

(24)

To compute the pressure P needed to compute Tmelt(XNH3 , P) in-
side each layer of the planetesimal, Equation 25 is used introduc-
ing the gravitational constant G. This assumes the pressure inside
the planetesimal is from hydrostatic equilibrium. For j = 0, the
surface layer is indicated meaning that pressures are computed
at the lower boundary of all layers, making sure the temperature
at the surface layer is non-zero. The density used in this equation
ρ̄ is the density of all layers above the current layer j.

P =
2
3

GπR2
pρ̄

2(1 −
j∆R
Rp

) (25)

2.3.3. Thermal model parameters

To determine the influence of single parameters on the planetesi-
mal thermal evolution, other constants are kept at fixed values to
compare the results. A set of parameters is given in Table 7 that
is used as standard values unless stated otherwise. This will show
the impact of varying individual initial conditions. For the indi-
vidual parameter analysis, the initial temperature, ice mass frac-
tion and formation time are based on Wakita & Sekiya (2011)

Fig. 4. The interior temperature evolution of a single Rp = 50 km plan-
etesimal, where radius 0 km indicates the core and radius 50 km the
surface layer. Contour-lines highlight the boundary conditions of ice
melting (red), temperatures exceeding the melting temperature (yellow)
and temperatures hot enough for dehydration of hydrated rocks (blue).
The stages 1-3 describing initial conditions, ice melting and differenti-
ation and their transitions 1 → 2 and 2 → 3 as defined in Figure 3 are
shown in the white dashed/dotted lines.

Fig. 5. Core temperature for planetesimals with radius [10, 25, 50, 100,
250, 500] km, with highlighted melting temperature without the effects
of pressure and the dehydration temperature. The zoomed-in region
shows different melting temperatures for different planetesimal sizes
based on internal pressure.

to compare results. Note that the integration layer thickness is
based on the total planetesimal radius Rp so that the amount of
layers for planetesimals of arbitrary size remains identical. The
end of formation tend is in line with typical lifetimes of a CPD of
10 Myr (Podosek & Cassen 1994; Ward & Canup 2010).

3. Results

We trace the interior thermal evolution of a population of CPD
planetesimals to derive the resulting interior compositions. For
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Fig. 6. Surface layer energies and temperature for a planetesimal with radiative surface cooling. (Left) Energies of the three contributing heat-
ing/cooling sources (Conduction, 26Al heating and surface radiation) with positive and negative describing heating and cooling. (Right) Surface
temperature evolution which is no longer constant and equal to T0.

an individual planetesimal, we test variations of Rp, T0, fi, and
tstart along with the proposed additions to the thermal model of
surface radiation, liquid water refreezing and ammonia ice to as-
sess their role in the planetesimal thermal evolution. These re-
sults correspond to a tstart = 1 Myr after CAI formation to better
visualise the effects of 26Al since radiogenic heating is larger (de-
creasing by a factor of 2.62 after every 1 Myr) and to standardize
our results for comparison to Wakita & Sekiya (2011). Note that
this is significantly earlier than what is described in section 1 for
the formation of Jupiter itself. Formation times are tested for a
sample population formed by the streaming instability to deter-
mine different planetesimal compositions, to determine how the
composition and internal structure of planetesimals evolve after
their formation in the CPD due to the effects of radiogenic heat-
ing of 26Al. Additionally, the ammonia concentration in the ice of
the CPD is scaled to assess the impact of ammonia on the result-
ing composition and the delay in producing hydrated silicates.

3.1. Planetesimal thermal evolution

The interior thermal evolution of the planetesimal with charac-
teristics described in Table 7 is shown in Figure 4. The evolu-
tion of the planetesimal follows the different stages described in
Figure 3. At its initial state, the planetesimal is a homogeneous
undifferentiated ice-rock mixture (stage 1). Heating by 26Al in-
creases the interior temperature until it reaches Tmelt (stage 2).
After the ice has melted, a rocky core and liquid mantle are
formed (stage 3). The planetesimal is initiated with a temper-
ature equal to T0 equal to the surrounding circumplanetary dust
temperature. It takes 0.37 Myr for the core to reach Tmelt, after
which core-formation separates the rocky core from the liquid
mantle. The liquid water mantle is at a temperature Tmelt and
is located at a radius > 30 km. This causes further melting and
differentiation of the surface layers as seen by the gradual in-
creasing yellow contour line after 0.57 Myr bordering the rocky
core and the red contour line bordering the liquid water mantle.
The surface thickness is 1.25 km and is situated between the red
contour line and 50 km. line and is The liquid mantle refreezes
after 1 Myr which makes the pure ice shell thicken with time and
occurs after the formation of the liquid mantle as seen by the red
contour line in Figure 4 where the temperature drops below Tmelt.

Fig. 7. Surface temperature for varying planetesimal radius [10, 25, 50,
100, 250, 500] km.

The maximum temperatures are reached in the core of the plan-
etesimal, after which the core cools due to surface radiation and
convection through the liquid mantle.

Increasing planetesimal radius Rp leads to larger maximum
temperatures reached in the core as seen in Figure 5. The core
temperature is always the hottest layer and gives an indication
if ice melting has occurred in the planetesimal since it is the
first layer to reach this condition. This is important to deter-
mine when compositional changes start. The evolution of the
planetesimal’s interior composition is discussed in section 3.2.
The melting temperature is lower for larger planetesimals due
to the higher internal pressure. The core pressure of Rp = 500
km is 643 bar, lowering the melting temperature from the non-
pressurised 273.15 K to 267.6 K (without ammonia) according
to Equation 24. This is highlighted in Figure 5 in the zoomed-
in section where ice melting occurs. For a smaller planetesimal
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with Rp = 100 km, this effect is reduced and the melting temper-
ature only decreases by a maximum of 0.2 K. Planetesimals with
size Rp = 250 and 500 km show similar behaviour by increasing
their temperature to 1059 and 1069 K respectively. The planetes-
imals with Rp = 10, 25 and 50 km reach their maximum temper-
ature of 223, 667 and 954 K respectively in different regimes:
no ice melting, ice melting and core/mantle separation and de-
hydrated rock. Other parameter variations on tstart, T0 and fi have
been included in section B.2. Summarising the observations of
all the varied parameters:

– Increased planetesimal radius leads to larger maximum
temperatures reached in the core but no significant delay in
reaching aqueous alteration.

– Increased ice mass fraction shows that the maximum tem-
perature decreases with increasing ice fraction since only
rocky compounds contain SLRN that cause heating. Delay
in reaching the aqueous alteration is seen for ice mass frac-
tions > 50%.

– Increased dust temperature causes higher maximum tem-
peratures, significantly delaying the ice melting of planetes-
imals.

– A later formation time results in less radiogenic heating be-
cause a fraction of 26Al has already decayed, causing lower
maximum temperatures reached in the planetesimal.

The effect of refreezing does not change the core temperature
of the planetesimal for timescales below tend. Testing the refreez-
ing method is done in section B.3. Without refreezing, the core
would be insulated by the liquid water mantle at a constant Tmelt
but can now cool by the colder refreezing liquid water mantle.

Replacing the assumption of constant surface temperature
equal to T0 to a new temperature computed from the energy bal-
ance from Equation 19 results in a temperature profile shown in
the right panel of Figure 6. Conduction and 26Al heating increase
temperatures and surface radiation decreases the temperature in
the surface layer. The temperature increases by 0.22 K over the
first 1 Myr when convection through the liquid water mantle be-
comes dominant given more layers have differentiated. This re-
sults in a maximum surface temperature increase of 0.43 K at 1.5
Myr after planetesimal formation. The magnitude of the surface
temperature depends on the CPD temperature, given that surface
radiation becomes more powerful for higher T0 (Equation 22).
The sublimation temperature of ice is pressure-dependent. This
pressure according to Equation 25 is reached at depths propor-
tional to ∆R ∼ R −

√
R2 − Psub, indicating sublimation occurs

at deeper depths for smaller planetesimals. Larger planetesimals
have larger maximum surface temperatures as shown in Figure 7,
increasing by 0.5 K for a planetesimal with Rp = 500 km. This
can be explained by the ratio of surface energy being radiated
proportional to R2

p, and the energy coming from radiogenic heat-
ing being related to the mass of each layer, proportional to R3

p.
For the ice-rich regions in the CPD, the maximum dust- and thus
initial surface temperature is 174K. Using the sublimation equa-
tion of Brunini & López (2018), the corresponding sublimation
pressure Psub is 0.002 Pa. For Rp,min = 10 km this results in ∆R
= 4×10−4 m which is negligible for the ∆R = 0.025Rp = 250
m, assuming the only pressure inside the planetesimals comes
from the layers above. This study shows a very efficient cool-
ing of the surface and thus no sublimation of ice. The efficiency
could be lowered by introducing a lower emissivity representa-
tive for planetesimal surfaces alongside heating of gas surround-
ing the planetesimal. The efficiency would increase with better
estimates for the surface area which is currently assumed to be a

Fig. 8. Compositional evolution of the planetesimal described in Table 7
with different compounds anhydrous rock, ice, liquid water and hydrous
rock. The aqueous alteration occurs from 1.37 Myr till 2 Myr after CAI
formation seen by the step-wise increase in hydrous rocks for every
layer. After 2.15 Myr, the hydrous rocks are dehydrated and converted
into anhydrous rock.

Fig. 9. Resulting composition after thermal evolution using initial con-
ditions from Table 7 of 5 planetesimals with Rp = [12, 103, 194, 285,
376] km along with the initial dust composition on the left and the re-
sulting total composition of the population computed from abundances
in Table 3.

perfect sphere by including ridges and striations. Decreasing the
efficiency of cooling would increase surface temperatures and
allow for significant sublimation of ices in the planetesimal.

3.2. Planetesimal composition evolution

For the base parameters shown in Table 7, the alteration of the
planetesimal interior composition is given in Figure 8. Aqueous
alteration occurs 0.37 Myr after formation seen by the initial in-
crease of hydrous rocks followed by every next layer that melts
causing an increase in the hydrous rock composition. The alias-
ing between the (hydrous) rocky core and liquid water mantle
described in section 2.3 and section C.3 can be seen between
1.5 and 1.7 Myr after CAI formation, where the true radius of
the rocky core Rr,real computed from the mass fraction differs
from the numerical layer boundary Rr,num. This causes variations
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Fig. 10. Weighted averaged planetesimal population composition for thermal evolution using the initial conditions dust temperature, ice mass
fraction and ammonia concentration inside the CPD. The start of planetesimal formation is varied for [1, 2, 3, 4] Myr, and the different compounds
are (top left) anhydrous rock, (top right) ice (bottom left), liquid water and (bottom right) hydrous rock. The initial conditions for the planetesimals
(black dashed line) and the unstable part of the CPD outside 1/3 RHill (grey area) are shown.

Fig. 11. Total disk-integrated planetesimal composition for formation
times ranging from [1,2,3,4] Myr after CAI formation. The unstable re-
gion outside 1/3 RHill is excluded from the disk-integrated composition
.

in the mass fractions of hydrous rock and liquid water. After 2
Myr, liquid water freezes. The core layers reach the dehydration
temperature, meaning that anhydrous rocks and liquid water is
created from the dehydration of hydrous rock. The composition
of this planetesimal has converged to 9% anhydrous rock and
33% hydrous rock after 10 Myr respectively, with liquid water
still freezing.

3.3. Planetesimal population composition evolution inside
the CPD

Figure 5 shows that larger planetesimals are subjected to more
temperature increases due to radiogenic heating and an increased
core pressure which lowers the melting temperature. Given their
larger internal temperatures, larger planetesimals are thus more
likely to undergo aqueous alteration and differentiation. This can
be seen in Figure 9, where the resulting composition of the plan-
etesimal population of Table 3 with CPD conditions (ice mass
fraction, dust temperature and ammonia fraction) being equal to
Table 7 is given. Aqueous alteration does not occur for Rp =
12 km and the composition remains unaltered/primordial. The
effects of dehydration increase for larger planetesimals since
their mass fraction of hydrous rock is smaller. Since the mass
of the population is shifted to larger planetesimals shown in Fig-
ure 2, the resulting total composition of the population follows
the composition of massive planetesimals. The total composition
of the population is [0.23, 0.16, 0.45, 0.16] for anhydrous rock,
ice, liquid water and hydrous rock respectively.

Repeating the previously performed analysis for the CPD
conditions from section 2.1 for starting times of [1, 2, 3, 4] Myr
after CAI formation yields the profiles for the four compositions
given in Figure 10. For tstart = 4 Myr, radiogenic heating only
negligibly increases the interior temperature of the planetesimal
and no hydrous material is produced, similarly for tstart = 3 Myr
between 7.14×10−3 and 1.44×10−2 au. Summing all mass frac-
tions obtained in Figure 10 for all different formation times re-
sults in the total CPD composition shown in Figure 11, where
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Fig. 12. Total disk-integrated planetesimal mass fraction of hydrous rock after [0.1, 0.5, 1.0, 1.5, 2.0, tend] Myr of thermal evolution for (Left)
formation times tstart of [1, 2, 3, 4] Myr after CAI formation and (Right) scaled ammonia concentrations of [0, 50, 100] of XNH30 .

the unstable region outside 1/3 RHill is excluded from the disk-
integrated composition . The maximum amount of hydrous rocks
occurs at tstart 2 Myr with a value of 83%. For hydrous rocks to
be created, temperatures need to reach above Tmelt but stay below
Tdehydrate to prevent dehydration, explaining the lower mass frac-
tions of hydrous rock tstart = 1 Myr (too much dehydration) and
tstart = 3 Myr (less planetesimals reach aqueous alteration). Their
hydrous rock mass fractions are 29% and 73% respectively. The
weighted average mass fractions of hydrous rock of the plan-
etesimals at [0.1, 0.5, 1.0, 1.5, 2.0, tend] Myr after tstart is shown
in Figure 12. This shows that aqueous alteration starts after 0.5
Myr for tstart = 1 and 2 Myr and after 1.5 Myr for tstart = 3 Myr.
Dehydration is observed after 1 Myr for tstart = 1 Myr.

The initial ice fraction plays an important role in the genera-
tion of hydrous rocks. From Figure B.3 it is clear that a lower ice
mass fraction causes higher temperatures due to the presence of
SLRN in the rocks. Besides the extra heat being generated when
ice is lacking, initial ice is also required to produce the hydrous
rocky compounds. The location in the disk where the maximum
amount of hydrous rocks are being generated in the population
is similar for all starting times (excluding tstart 4.0 Myr) and is
located at a radius of 0.150 au, with conditions in the CPD: T0 =
51.2 K, fi = 0.11 and XNH3 = 0.196. This location is outside the
stable region of the CPD inside 1/3RHill. Inside the stable region
near the ice-line, hydrous rocks show a local maximum for all
formation times due to the relatively high circumplanetary dust
temperatures of 170-200 K causing melting even for late forma-
tion or high ice mass fractions.

3.4. Ammonia concentration

The core temperatures of planetesimals with characteristics
given in Table 7 for varying ammonia concentrations up to 30%
are shown in Figure 14. A concentration of XNH3 = 30% the
lowers the melting temperature from the original 273.15 K to
198.5 K. Given the lower melting temperature, planetesimals
with a higher concentration finish their aqueous alteration sooner
since a smaller fraction of SLRN has decayed and ultimately
reach higher core temperatures. The time of complete melting is
reached 0.25 Myr earlier for 30% ammonia compared to 0%.

The impact of the ammonia concentration in the ice of plan-
etesimals can be seen in Figure 13 by performing the same analy-
sis as in section 3.3 for tstart = 3 Myr and varying the original am-

monia concentration in the CPD XNH30 by 100%, 50% and 0%.
This formation time is chosen since it is between high concen-
trations of hydrous rock at 2 Myr and no hydration at 4 Myr. The
region inside the CPD where planetesimals do not show devia-
tions from the initial conditions is 6.55 and 10.6 times wider for
50% and 0% XNH30 . Taking the weighted average from Figure 13
of all locations in the CPD excluding the unstable region out-
side 1/3 RHill results in the total composition for the three cases
shown in Figure 15. This shows that the mass fraction of hydrous
rock is 73%, 49% and 20% for ammonia concentration with
values of 100%, 50% and 0% of XNH30 . By lowering the melt-
ing temperature of ice, an increased ammonia concentration can
compensate for the lower radiogenic heating, creating the same
amount of rocks compared to an ammonia-free condition with an
earlier formation time. Similar to Figure 10, hydrous rocks are
formed near the ice-line with no significant effect of decreased
ammonia concentration. The weighted average mass fractions of
hydrous rock of the planetesimals at [0.1, 0.5, 1.0, 1.5, 2.0, tend]
Myr for varying XNH30 is shown in Figure 12. For tstart = 3 Myr
and 50% and 0% XNH30 , aqueous alteration of planetesimals only
occurs after 2.0 Myr. With the introduction of 100% XNH30 , this
timescale is reduced to 1.5 Myr. This means ammonia can po-
tentially hydrate planetesimals that were originally lost due to
inward migration.

It has to be noted that the only property of ammonia ice taken
into account is its ability to lower the melting temperature for
increasing concentration. Parameters such the thermal proper-
ties, density and resulting chemical reactions as given in Table 5,
Equation 10 and Equation 17 are all focused on water ice. The
most notable difference is the thermal conductivity KNH3 = 1.2
W m−1 K−1, which is approximately half of Ki = 2.2 W m−1 K−1

(Kargel 1992; Lorenz & Shandera 2001; Desch et al. 2009). The
thermal diffusivity decreases for a lower thermal conductivity
shown in Equation 9, meaning that the temperature increase due
to conduction in a layer decreases by the second term in Equa-
tion 3. This thus counteracts the ability of ammonia to produce
more hydrous materials by lowering the increase in temperature
inside a planetesimal. At most, the total mass fraction of ammo-
nia in a planetesimal in the CPD is 10% at 0.024 au ( fi = 34%
and XNH3 = 30.4%), decreasing K̄ by 1.8%.
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Fig. 13. Resulting planetesimal population composition for every initial condition in the CPD. Start of formation is fixed at tstart = 3.0 Myr and
three different cases are analysed where the original ammonia concentration XNH30 is scaled [100%, 50%, 0%]. where the 100% condition is similar
to Figure 10. The different compounds are (top left) anhydrous rock, (top right) ice (bottom left), liquid water and (bottom right) hydrous rock.

Fig. 14. Core temperature for planetesimals with initial concentration of
ammonia ice of [0,5,10,15,20,25,30] % after CAI formation, with high-
lighted melting- and dehydration temperature for ammonia-free ice. The
region between 1.1 and 1.6 Myr is shown in a zoomed-in graph to high-
light the different melting temperatures and time of complete melting.

4. Discussion

Icy planetesimals are formed by the streaming instability taking
initial conditions for temperature, ice mass fraction and ammo-
nia concentration in the ice from the CPD. Radiogenic heat from
26Al causes temperature variations that drive compositional al-

Fig. 15. Summed population composition for all locations in the CPD
for different scaling of the original CPD ammonia concentration XNH30
of [100%, 50%, 0%] with tstart = 3 Myr after CAI formation. The unsta-
ble region outside 1/3 RHill is excluded from the disk-integrated compo-
sition .

terations. Aqueous alteration hydrates the originally anhydrous
rock, which then differentiates to form a rocky core and liquid
water mantle. If temperatures increase further, the hydrated rock
dehydrates back into anhydrous rock and liquid water. The plan-
etesimals formed by the streaming instability are assumed to
serve as the building blocks of the Galilean moons by collid-
ing together to form larger objects. The formation of Jupiter is
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Fig. 16. Composition of a planetesimal with characteristics shown in
Table 7 with different concentrations of 26Al [1.0, 2.5, 5.0 , 7.5, 10.0]
×10−5.

expected to have reached a runaway gas accretion phase between
3.46 and 3.94 Myr after CAI formation. The CPD in which we
expect the moons to be forming most likely forms at the end of
Jupiter’s runaway gas accretion. We assume over time the water
and ice of the icy planetesimals are completely lost. This means
hydrated silicates remain inside the forming moons, able to re-
lease their water compound after heating to the surface.

Assuming all liquid water/ice is removed from the colliding
planetesimals, Io should form from a planetesimal population
with no hydrous silicates. For tstart = 3 Myr, the hydration of
silicates only occurs 1.5 Myr after formation. The formation of
Io could thus be explained by planetesimals that combined on
timescales up until 1 Myr to prevent aqueous alteration inside
the planetesimals. If Io formed with included hydrated silicates,
dehydration of these hydrated rocks would not be possible with
only SLRN heating since even for formation times much before
the expected formation such as tstart = 1 Myr shows 24% hy-
drated rocks after dehydration.

For tstart = 4 Myr, the remaining 26Al fraction is 18 times
smaller compared to tstart = 1 Myr and no compositional al-
terations occur. This limits the formation of Europa since the
planetesimals that formed Europa should have formed before 4
Myr after CAI formation if we assume hydrated silicates are the
source of Europa’s ice content. Besides the planetesimals form-
ing before tstart = 4 Myr, they should have evolved for at least
1.5 Myr in the CPD in order for 26Al to hydrate silicates. The
observed hydrous rock mass fraction for tstart = 3 Myr after 1.5
Myr is 66%, able to release a water/ice mass fraction of 6.3%.
This is in line with the estimates between 5-8% of the currently
observed ice content on Europa (Schubert et al. 2004). The type-
I migration timescale of bodies with Rp ∼ 400 km are τI > 106

Myr for Σg ∼ 400 g cm−1, the largest gas surface densities ob-
served in this CPD (Tanaka et al. 2002; Canup & Ward 2009).

The interior of Ganymede is expected to be fully differenti-
ated, and the interior of Callisto is only partially differentiated
(Schubert et al. 2004). We have shown that differentiation ex-
clusively by 26Al heating is not possible for planetesimals that
have formed after tstart = 4 Myr. For Callisto to remain only
partly differentiated, it should have formed after tstart = 4 Myr.
Estimates using both accretional and radiogenic heating show a
similar result where Callisto must not finish its formation earlier
than 4 Myr after CAI formation to prevent differentiation (Barr
& Canup 2008).

The numerical errors as described in Appendix C include two
significant errors: representing the population as 5 planetesimals
and the planetesimal layer thickness. Their introduced errors on

the hydrous rock mass fraction εh are approximately ∼1% and
∼8% respectively. For the mass fraction of hydrous rocks of 66%
formed 1.5 Myr after tstart = 3 Myr after CAI formation, the rel-
ative error is 66±6%. This means the ice mass fraction is able to
be dehydrated from a hydrated core is 6.3±0.6%. This value is
still well inside the range expected for the low ice mass fraction
of Europa of ∼5-8%.

The concentration of 26Al is relatively well known for our
solar system but might differ for other systems (Gounelle 2015).
Varying the estimate used for the solar system of 5.0×10−5 is
done in Figure 16 already shows the potential of 26Al to drasti-
cally change the resulting composition of a 50 km planetesimal,
let alone the entire population of planetesimals. Here, the origi-
nal concentration of 26Al shows the highest amount of hydrated
rocks, with lower concentrations not (fully) reaching aqueous
alteration and higher concentrations being subjected to more de-
hydration in the rocky core.

5. Conclusion

We have performed numerical simulations on the thermal evo-
lution of planetesimal populations by 26Al heating and from
analysing the resulting compositions we can conclude:

1. Planetesimals forming after tstart = 4 Myr show no melting
of ices, hydration of rocks and differentiation of the ice/rock
mixtures. If Europa’s water originated from planetesimal sil-
icates hydrated in the CPD, they could have formed no later
than 4 Myr and survived in the CPD for at least 1.5 Myr.

2. Io should have formed and lost its ice on timescales shorter
than 1.5 Myr to prevent hydration of silicates. If Io did form
from planetesimals with hydrated silicates, dehydration of
these hydrated rocks would not be possible for SLRN heat-
ing.

3. For Callisto to remain only partially differentiated, planetes-
imals should have formed no earlier than 4 Myr. If the differ-
entiation of Ganymede started before its finishing accretion,
planetesimals should have formed before 4 Myr.

4. As the total planetesimal mass is dominated by the largest
objects, the bulk composition in the CPD is dependent on
their interior evolution, which is weighted towards more hy-
drated silicates.

5. The influence of ammonia to lower the melting temperature
of ice/rock mixtures allows for the hydration of planetesi-
mals at later times after CAI formation. For tstart = 3 Myr,
ammonia reduces the time to reach aqueous alteration from
> 2 Myr to 1.5 Myr.
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Fig. B.1. Comparison between the heat produced by a kg of rock inside
a planetesimal by the decay of SLRN 26Al and 60Fe. The latter becomes
dominant after 12.6 Myr after CAI formation.

Appendix A: Circumplanetary Disk Ambient
Conditions modelling

Properties of the circumplanetary disk are derived from the
2D radiation-thermochemical disk modelling code ProDiMo 1

(Protoplanetary Disk Model) (Woitke et al. 2009; Kamp et al.
2010; Thi et al. 2011). The gas and dust temperature in the highly
optically-thick midplane are calculated using a radiative transfer
diffusion approximation. We adopt the ‘large’ chemical network
described in Kamp et al. (2017) of 235 atomic and molecular
species and 13 elements. Reaction rates are adopted from the
UMIST2012 database (McElroy et al. 2013). The formation of
ices occurs by physisorption of molecules directly from the gas-
phase to a dust grain surface. Ices sublimate from grains either
thermally or via photo- or cosmic-ray induced desorption. The
assumed adsorption energy of ammonia is 5534 K (Garrod &
Herbst 2006).

The CPD is assumed to be a ‘gas-starved’ disk which does
not contain simultaneously the refractory mass required to form
all four Galilean satellites (Canup & Ward 2002). Hence we con-
sider the case where repeated episodes of planetesimal formation
contribute to the slow accumulation of large solids and accretion
of satellites. All properties are extracted at the midplane as this
is where we expect densities to reach the critical value required
to initiate the streaming instability.

Appendix B: Model tests

Appendix B.1: Comparing SLRN 26Al and 60Fe

The heat production of 26Al and 60Fe per kg of rock inside a
planetesimal are shown in Figure B.1, where the heat produced
is computed using Equation 5. The parameters for 26Al are given
in Table 4 and the parameters for 60Fe are given in Table B.1.
At the time of CAI formation, heat produced by 26Al is 2.6×104

times larger. After 12.6 Myr, the heat produced by the two SLRN
is similar, with 60Fe being more dominant after.

1 https://www.astro.rug.nl/ prodimo/

Table B.1. Constants of short-lived radionuclide 60Fe.

Sym Parameter Value Unit Source
fFe Fe Abundance 0.186 - (1)
f60Fe

60Fe Abundance 3.8 × 10−8 - (2)
λ60Fe Decay constant 2.62 × 10−7 yr−1 (3)
E60Fe Decay energy 0.237 MeV (4)
m60Fe Nucleus mass 59.9340769 u (4)

References. (1) Lodders (2019); (2) Trappitsch et al. (2018); (3) (Rugel
et al. 2009); (4) Audi & Wapstra (1995)

Fig. B.2. Core temperature for planetesimals with initial and dust tem-
perature [50, 100, 150, 200, 250] K, with highlighted melting- and de-
hydration temperature.

Fig. B.3. Core temperature for planetesimals with initial ice mass frac-
tions [0, 10, 20, 30, 40, 50, 60] %, with highlighted melting- and dehy-
dration temperature.

Appendix B.2: Parameter variations

Parameter variations are performed for T0, fi and tstart. The de-
fault settings from Table 7 are used. For all variations, the con-
stant temperature regions where ice melting and the dehydration
reaction occur at Tmelt and Tdehydration respectively are indicated.
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Fig. B.4. Core temperature for planetesimals formed
[1, 1.5, 2.0, 2.5, 3.0, 3.5, 4.0] Myr after CAI formation, with high-
lighted melting- and dehydration temperature.

Increasing initial planetesimal temperature T0 results in
higher maximum temperatures in Figure B.2 of 872 K and 1484
for T0 = 50 K and 250 K respectively. At the start of forma-
tion at 1 Myr, the different initial temperatures of the planetes-
imals can be seen. For the planetesimals formed at higher tem-
peratures, the melting temperature is reached at an earlier time.
This time of reaching a core temperature of Tmelt differs by 0.6
Myr between a planetesimal formed at 250 K or at 50 K. This
value is significant with respect to the half-life of 26Al (t1/2,26Al =
0.717 Myr), meaning that the amount of radioactive material has
approximately halved between the time ice melting is reached
for the two different initial temperatures, causing less radiogenic
heating for the lowest T0. This can be observed in the gradient
of the core temperature after ice melting, which is steeper for
higher dust temperatures.

Increasing the initial ice mass fraction fi is done in Fig-
ure B.3. This shows that the maximum temperature decreases
with increasing ice fraction since only rocky compounds con-
tain SLRN that cause heating. The maximum temperatures seem
to converge to fi = 10% making the ice-free an outlier. For this
condition, no compositional changes occur and the planetesimal
consists of anhydrous rock. Furthermore, there is no creation of
a rocky core or a water mantle. The core radius Rr is dictated by
fi since the mass is distributed between rocks and ice.

A later formation time tstart results in less radiogenic heat-
ing because a fraction of 26Al has already decayed, causing
lower maximum temperatures reached in the planetesimal. This
is shown in Figure B.4, where planetesimals are analysed with
different formation times. A formation time of 2 Myr is already
too delayed to allow complete ice melting. For formation times
later than 2 Myr, Tmelt is not reached and ice does not melt any-
where in the planetesimal. A difference in core temperature of
734 K is observed between planetesimals formed at 1 or at 3
Myr.

Appendix B.3: Refreezing and long term thermal evolution

As the core evolves with time, its temperature can decrease un-
til it reaches Tm. In this case, liquid water can refreeze. This
is shown in Figure B.5 using planetesimal characteristics from

Table 7, where the evolution is followed up to 40 Myr. This in-
crease in tend does not correspond to typical lifetimes of CPDs
of around 10 Myr and a few Myr for the stellar nebula (Podosek
& Cassen 1994; Ward & Canup 2010). In the present case, our
goal is to show the long term effects of the addition of refreezing.
Only after 21.4 Myr after formation does the core temperature
deviate when introducing refreezing. By then, the temperature in
the core has converged to the constant temperature of ice, where
it remains for the case without refreezing. With refreezing, the
liquid water mantle is converted to ice and allows the core to
converge to T0.

The temperature inside the planetesimal should ultimately
converge back to T0 since radiogenic heating decays and the ra-
diative surface cooling stays the same. To verify this, the ther-
mal evolution is extended to 100 Myr (not physically correct for
a CPD around Jupiter). In Figure B.6 can be seen that the core
temperature (the hottest layer inside the planetesimal) converges
to 10−3 % of the initial condition T0.

Appendix B.4: Differentiation

The model assumes differentiation of layers inside the planetes-
imals after the complete melting of ice inside a layer. This as-
sumption separates the newly formed rocky core from the still
unmelted ice and anhydrous rock in the top layers by introduc-
ing the liquid water mantle. The radiogenic heat generated in the
rocky core is assumed to directly convect through the liquid wa-
ter mantle to the non-melted surface layers. Figure B.7 shows
that the hydrous rock generated by differentiation decreases by
3.5% when excluding differentiation. Even though dehydration
occurs in the rocky core of the differentiated planetesimal, the
amount of hydrated rocks is still larger. The total temperature
reached in the core is lower compared to the case with differenti-
ation, but having the 26Al homogeneously distributed throughout
the body without the rocky contents sinking to the core causes
all layers to heat at similar rates. This also explains the differ-
ence between the liquid water and ice formed, since the sur-
face layers of the differentiated planetesimal cool faster than the
non-differentiated planetesimal since the radiogenic material is
not homogeneously distributed. The justification to assume in-
stantaneous layer differentiation after melting is due to the short
timescales for such processes of 0.22 years (Wakita & Sekiya
2011), being much shorter than the integration time of 100 years
used in this work.

Appendix C: Numerical errors

Appendix C.1: Planetesimal histogram sampling

Due to computational limitations, the planetesimal population
from Table 3 in section 2.2 is represented as 5 planetesimals.
The compositional error percentages compared to populations
with increasing resolution of [5, 10, 25, 100] planetesimals us-
ing variables from Table 7 is shown in Figure B.4. The error
percentages for water εw and hydrous rock εh do not exceed 1%,
with the error percentages in anhydrous rock εr an ice εi around
4-5%. The error percentages are also scaled w.r.t. their total mass
fraction in the population.
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Fig. B.5. Core temperature for planetesimals with and without refreez-
ing of liquid water, with highlighted melting- and dehydration temper-
ature for ammonia-free ice. The end time of computation is extended
to 40.0 Myr after CAI formation.

Fig. B.6. Long term thermal evolution of the difference between the
core temperature of a planetesimal with characteristics shown in Ta-
ble 7 and the dust temperature T0.

Table B.2. Error percentage ε of weighted average planetesimal population composition with settings from Table 7, comparing a population
sampled with 5 histogram bins compared to [10,25,50,100] bins. Subscripts r, i, w and h indicate anhydrous rock, ice, liquid water and hydrous
rock respectively.

Number of Anhydrous rock Ice Liquid water Hydrous rock
planetesimals Mass fraction εr [%] Mass fraction εi [%] Mass fraction εw [%] Mass fraction εh [%]
5 0.0548 - 0.0940 - 0.505 - 0.346 -
10 0.0525 4.15% 0.0905 3.78% 0.509 0.66% 0.349 0.73%
25 0.0519 5.26% 0.0897 4.64% 0.509 0.80% 0.349 0.92%
50 0.0520 4.96% 0.0900 4.28% 0.509 0.74% 0.349 0.87%
100 0.0519 5.24% 0.0898 4.48% 0.509 0.77% 0.349 0.92%

Fig. B.7. Composition of two identical bodies with characteristics
shown in Table 7 for layer differentiation settings [True, False].

Appendix C.2: Thermal evolution model integration settings

The effect of varying numerical layer thickness ∆R and integra-
tion time ∆t on individual planetesimal- and weighted average
population composition is shown in Figure C.1 and Figure C.2.
For the layer thickness, the pink line indicates the difference be-
tween every integration setting and ∆R = 0.005Rp. The numer-
ical setting chosen is ∆R = 0.025Rp, where the anhydrous and
hydrous rock errors are both below 10%. This choice was made
due to computational limitations even though convergence was
not yet reached. For the integration time, the error increase w.r.t.

∆t = 25 yr for decreased accuracy is less severe, with an error of
10−3% for ∆t = 100 yr.

Appendix C.3: Differentiation aliasing error

It follows from section 2.3.1 that the boundary between the rocky
core and liquid water mantle can not always be approximated by
the numerical boundaries (multiples of ∆R), introducing a mass
error εm. Figure C.3 shows both the aliasing error between Rr,real
and Rr,num and the altering mass of the planetesimal εm. The error
w.r.t. radius is between the domain 0.5∆R, and εm between 0.5
Mlayer. The layer mass Mlayer increases for layers further away
from the core since a constant ∆R spacing is chosen. For a plan-
etesimal with characteristics shown in Table 7, the total mass is
7.1 ×1017 kg and the maximum εm is 1.6×1016 kg (2.3%). The
maximum εm is dependent on ∆R, decreasing for smaller values,
as seen by the right panel of Figure C.3.
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Fig. C.1. Individual planetesimal- and weighted average composition for varying numerical layer thickness ∆R using initial parameters shown in
Table 7. The pink line indicates the error w.r.t. ∆R = 0.5% Rp, and the value of ∆R = 2.5% Rp used in this work is highlighted in red.

Fig. C.2. Individual planetesimal- and weighted average composition for varying numerical integration time ∆t using initial parameters shown in
Table 7. The pink line indicates the error w.r.t. ∆t = 25 yr, and the value of ∆t = 100 yr used in this work is highlighted in red.

Appendix C.4: Surface radiation

Variations of ∆R are shown in Figure C.4. For a surface layer
thickness of ∆R > 2.5%Rp, behaviour deviates from the ex-
pected surface temperature. The increased layer thickness does
not include the second peak around 3 Myr since there are too few
layers to support convection from the rocky core to sub-surface

layers. This is another reason the thermal evolution model layer
thickness ∆R described in section C.2 is set to 2.5% Rp.
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Fig. C.3. The effect of the aliasing error introduced by layer differentiation. Taking a planetesimal with characteristics from Table 7 yields: (Left)
The difference between the real differentiation boundary and the numerical boundary which is confined by half the numerical layer thickness.
(Middle) The variations in planetesimal mass, confined by half the mass of the layer separating the rocky core and the liquid water mantle. (Right)
Dependency of the planetesimal mass error w.r.t. the numerical thickness for [0.05. 0.025. 0.125] ∆R.

Fig. C.4. Surface temperature for varying layer thickness, presented as
percentages of the planetesimal radius [1.0, 2.5, 5.0, 7.5, 10.0] using
planetesimal characteristics from Table 7.
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3
Verification and Validation

Verification and validation for methods used in the journal article from chapter 2 will be provided in the
following sections. The different topics are the streaming instability population generation in section 3.1,
the thermal evolution model in section 3.2 and the melting temperature dependence on pressure and
ammonia in section 3.3. If equations or tables are referenced from the journal paper, this will be explicitly
stated.

Figure 3.1: Comparison between the sampled distribution and the theoretical curve described by Abod et al. 2019.

3.1. Streaming instability population
In order to check if the planetesimals generated from reversing the resulting from simulations of Abod
et al. 2019 is done correctly is shown in Figure 3.1. The resulting population can be seen to follow the
theoretical distribution with only slight deviations for the final segment of higher mass planetesimals.
The magnitude of 𝑁(> 𝑀𝑝) is of the order 1-10 planetesimals and will thus not significantly impact
results.

25



26 3. Verification and Validation

Table 3.1: Comparison of results obtained by thermal model of Wakita and Sekiya 2011 for variations of 𝑇0, 𝑅𝑝 and 𝑡start,
highlighting magnitude of negative and positive outliers by red and blue respectively. Compared parameters are start and stop
times of ice melting and dehydration, with ”-” indicating condition has not been reached.

T0 [K] Rp [km] tstart[𝑀𝑦𝑟] Tj=0,max [%] tice,start [%] tice,stop [%] tdehydrate,start [%] tdehydrate,stop [%]
130 10 0.00 -10.78 -8.91 43.48 - -
130 10 0.50 -2.79 2.20 16.75 - -
130 10 1.00 -0.70 - - - -
130 50 1.00 0.55 5.60 11.58 -1.46 3.46
130 50 1.50 2.92 4.54 8.94 - -
130 50 2.00 0.00 6.50 - - -
130 50 2.40 3.09 - - - -
130 100 1.00 -0.33 5.60 10.62 -1.60 9.39
130 100 1.50 5.30 4.54 9.43 - -
130 100 2.00 0.00 6.49 - - -
130 100 2.40 1.21 - - - -
130 500 1.00 -1.31 5.60 6.14 -1.60 0.26
130 500 1.50 6.38 4.54 4.42 - -
130 500 2.00 0.00 6.49 - - -
130 500 2.40 1.22 - - - -
130 1000 1.00 -1.31 5.60 8.73 -1.60 1.17
130 1000 1.50 6.38 4.54 44.70 - -
130 1000 2.00 0.00 6.49 - - -
130 1000 2.40 1.22 - - - -
70 10 0.00 -9.64 -4.76 26.49 - -
70 10 0.50 -0.01 1.78 1.41 - -
70 10 1.00 -0.92 - - - -
70 50 1.00 0.00 5.36 10.46 -8.37 -0.96
70 50 1.50 0.46 4.85 3.37 - -
70 50 2.00 -2.97 - - - -
70 100 1.00 0.00 5.36 16.09 -5.27 5.12
70 100 1.50 6.64 4.85 6.53 - -
70 100 2.00 -3.53 - - - -
70 500 1.00 0.00 5.36 8.87 -5.27 -
70 500 1.50 6.11 4.85 1.98 - -
70 500 2.00 -3.49 - - - -
70 1000 1.00 0.00 5.36 13.23 -5.27 -
70 1000 1.50 6.11 4.85 16.95 - -
70 1000 2.00 -3.49 - - - -

3.2. Thermal evolution model
The thermal evolution model is heavily based on the numerical model of Wakita and Sekiya 2011
along with some proposed additions. For a set of bodies with 𝑅𝑝 [10, 50, 100, 500, 1000] km with
various formation times 𝑡𝑠𝑡𝑎𝑟𝑡 ranging from [0.0, 0.5, 1.0, 1.5, 2.0, 2.4] Myr after CAI formation, the
maximum core temperature, start and finish of ice melting time, start and finish of dehydration reaction
are computed and compared with results from Wakita and Sekiya 2011. This has been done for 𝑇0 =
130 K and 70 K in Table 3.1. The additions used in the current model have been turned off to better
compare results. Numerical settings were replicated for Δ𝑡 = 25 yr and choosing a proportional Δ𝑅 =
0.01𝑅𝑝. A large outlier is the parameters tied to a planetesimal of 𝑅𝑝 = 10 km at very early formation
time. For later formation times, this deviation is less. Another strong outlier is 𝑇0 = 130K 𝑅𝑝 = 1000
𝑡start. Since this work does not include 0.0 Myr starting times or bodies larger than 400 km, this is an
acceptable deviation. In general, melting occurs at later stages given all percentages are positive. For
the dehydration reaction, it is for all cases at an earlier stage.

Along with the values presented in Table 3.1, a visual analysis is performed on the core temperature
evolution in Wakita and Sekiya 2011, and can be seen in Figure 3.2 for 𝑇0 = 130 K and 70K. Behaviour
is identical, with slight variations visible in Table 3.1 for 𝑡start = 1.0 Myr. Besides replicating figures and
tables, the parameter variations of radius, initial ice fraction and time of formation show similar trends
in core temperature.

Some test cases to verify the correct behaviour of the thermal model will now be introduced. The
resulting compositions are given in Figure 3.3, where the first two entries are the initial composition
and the normal result for the set of initial parameters shown in Table 7 from the journal paper. The test
cases are:

• Eliminating all radiogenic heating by setting the fraction of 26𝐴𝑙/27𝐴𝑙 to zero. Again, this should
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Figure 3.2: Replications of Figure 5 and 6 from Wakita and Sekiya 2011 for (top) 𝑇0 = 130 K and (bottom) 𝑇0 = 70 K. Figures on
the (right) have been produced by the numerical model used in this work and (left) are the original images.
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Figure 3.3: Mass fractions of the initial composition, normal thermal evolution with parameters from Table 7 from the journal
paper, no radiogenic heating, no ice mass fraction and no integration period.

result in zero heat being generated, thus resulting in the initial composition.

• Reducing the initial ice mass fraction 𝑓𝑖, which should result in no water or hydrous rocks being
created. The result should be 100 % hydrous rocks.

• Setting the integration time to 0 Myr, meaning no thermal effects should be able to take place
inside the planetesimal. The resulting composition should be the initial composition.

Figure 3.4: A replication of Figure 6 from Leliwa-Kopystyński, Maruyama, and Nakajima 2002 depicting the phase diagram of
water-ammonia mixtures on the concentration-temperature plane for pressures [0.1, 100, 200, 300] MPa. (Left) Computations
with the model proposed in this work and (Right) the original image.

3.3. Melting temperature dependence on pressure and ammonia
The introduction of a varying melting temperature based on ammonia and internal pressure has to be
verified. Seeing if Equation 24 from the journal paper is correctly replicated from Leliwa-Kopystyński,
Maruyama, and Nakajima 2002 is shown in Figure 3.4 for pressures [0.1, 100, 200, 300] MPa. Inter-
sections with the y-axis (zero ammonia concentration) line up perfectly, and descending temperature
profiles show similar behaviour. Slight alterations come from the assumption of a general formula
(Equation 24 from the journal paper) for pressure and concentration from a least-squares fitting of the
data points shown in the right image of Figure 3.4. Validating obtained melting pressures is done in
Figure 3.5, where the pressure-concentration-temperature space of ammonia is plotted. Since this
work only deals with pressures smaller than 200 MPa, only this region of the data from Sotin, Grasset,
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Figure 3.5: Partial replication of Figure 4 of Sotin, Grasset, and Beauchesne 1998 with ammonia concentrations of 0-30%. (Left)
Surface plot of the pressure-ammonia concentration-melting temperature regime only reaching a maximum pressure of 200 MPa
and (Right) the original image, extending for higher pressures and Ice V and Ice III regions.

and Beauchesne 1998 is replicated. In their work, they assume an isothermal region of 176 K for con-
centrations of 0.3%, which is not used in this work. The overall shape of the surface plots is similar,
decreasing for increased pressure and concentration. Data points that can be compared are P = 0
MPa, 𝑋NH3 = 15%, where the model predicts 250.46 K and 255 K by Sotin, Grasset, and Beauchesne
1998.

Table 3.2: Direct comparison between pressure dependent melting temperatures of the numerical model in this work 𝑇melt and
values proposed in Engineering ToolBox 2017, depicted as the difference in melting temperature Δ𝑇melt.

P [MPa] Tmelt [K] �Tmelt K
0.000612 273.15 -0.01
0.1 273.15 -0.0026
1 273.05 -0.036
2 272.95 -0.06
5 272.75 -0.03
10 272.35 -0.05
15 271.95 -0.06
20 271.55 -0.06
30 270.65 -0.14
40 269.85 -0.09
50 268.95 -0.11
60 268.05 -0.1
70 267.15 -0.06
80 266.15 -0.09
90 265.25 0.01
100 264.25 0.04
120 262.25 0.19
140 260.15 0.35
160 257.95 0.53
180 255.75 0.82
200 253.45 1.13

Excluding the effects of ammonia concentration leaves only the effects of pressure. This will be
validated using a data set of different melting temperatures under varying pressures, shown in Table 3.2
(Engineering ToolBox 2017). The largest planetesimal in this work does not exceed 400 km, yielding an
internal pressure of 64.3 MPa, for which the maximum error occurs at 30 MPa being -0.14 K compared
to the validation set. Larger errors are omitted since they only occur for larger pressures of 120 MPa
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and more.

Figure 3.6: Replication of Figure 9.8 from Fortes 2004 for the density and internal pressure of Titan B. Different density layers
are estimated at 6500, 3500 and 1000 kg m−3. (Top) pressure computations with own computations (Bottom) original image.

The pressure computations shown in Equation 25 from the journal paper are tested on interior
computations of the moon Titan (Fortes 2004). The density profile of the moon is assumed to be [6500,
3500, 1200] kg 𝑚−3 with boundaries between layers occurring at 820.0 and 164.6 km. This gives a
mass difference compared to the validation source of 6.1% with a difference in density of 6.25 %. The
pressure diagram and the resulting internal pressure can be seen in Figure 3.6. The total pressure in
the core differs by 29.0 %, with the model used in this work having smaller pressures. The pressure
profile does, despite the difference in magnitude of the pressure follow the validation source. Titan is
more than 5 times larger than the largest objects used in this simulation. According to Toksoz 1974,
the moon of Earth has a radius R = 1738 km and mean density of 𝜌 = 3344 kg 𝑚−3, giving an internal
pressure of 4.6 MPa. When using the numerical model to compute the pressure for the moon, the
resulting core temperature is 4.72 MPa, a much closer approximation. For this, a constant density
profile is assumed, which is similar to the initial conditions of planetesimals in this work.



4
Conclusions and recommendations

The conclusions and recommendations formulated during this thesis will be listed here. The full method-
ology along with the results and discussion has been given in the journal article of chapter 2. In short:
the radiogenic heating of 𝐴𝑙26 was analysed for individual but also populations of planetesimals. Tem-
perature profiles and resulting compositions have been analysed. The population of planetesimals has
been subjected to conditions of a sample CPD, analysing different parameters and resulting compo-
sitions at varying locations in the CPD. Results showed the resulting planetesimal compositions for
various parameter variations, composition as a function of radius inside the CPD and the implications
of the newly proposed additions of ammonia ice and non-constant surface temperature in the thermal
model.

4.1. Conclusions
The research questions posed in chapter 1 can now be answered by the findings of research per-
formed and elaborated upon in chapter 2. This will be done by providing answers to all (sub)questions
individually.

1. How does the total and individual composition of a population of planetesimals change
when subjected to internal radiogenic heating?

(a) What are the driving parameters for compositional changes due to radiogenic heat-
ing?
Temperature evolution inside planetesimals is largely governed by its radius, initial temper-
ature, initial ice and time of formation relative to CAI formation. Large planetesimals that
are able to hydrate silicates and show differentiation dominate the weighted average mass
fractions in the population. Half of the mass of the planetesimal population is accounted for
by bodies with a radius larger than ∼250 km. Temperatures are positively correlated with
planetesimal radius and initial temperature and negatively correlated with ice mass fraction
and formation time, resulting in the formation of hydrous rocks. Temperatures exceeding
the dehydration temperature however cause dehydration of previously formed hydrous rock,
which is the reason a formation time of 2.0 Myr resulted in the highest amount of hydrous
rock (83%). Earlier formation at 1.0 Myr led to more dehydration given the more potent ra-
diogenic heating (73%) and later formation at 3.0 Myr saw the lack of layers reaching the
melting temperature (29%).

(b) To what extent does ammonia ice affect the compositional changes?
With the addition of ammonia ice, the melting temperature of ice was lowered to 198 K for the
limit case of 𝑋𝑁𝐻3 = 0.3. This significant reduction allows melting of ice for lower quantities
of radiogenic heating, decreasing the region in the CPD where hydrous rocks can not be
formed from 7.28×10−2 to 7.71×10−1 AU at 𝑡𝑠𝑡𝑎𝑟𝑡 = 3.0𝑀𝑦𝑟. The time it takes for aqueous
alteration to occur has lowered from > 2.0 Myr to 1.5 Myr, potentially preventing planetesimal
loss due to migration.
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(c) Is there a preferred environment for the creation of hydrous rocks in planetesimals?
Hydrous rocks are mostly formed in the outer regions of the CPD by the high ammonia
concentration in the ice and moderate ice fractions allowing radiogenic rocks to dominate.
A local maximum is also found near the ice-line, where temperatures are sufficiently high to
counter the higher ice mass fraction and somewhat lower ammonia concentration. The ice
mass fraction is essential since it is necessary to form hydrous rocks. Too much ice however
means less rock to heat the planetesimal by means of radiogenic heating, pointing towards
an optimal between the two explanations.

2. What are the constraints concerning the formation of the Galilean moons assuming their
ice mass fraction was lost by radiogenic heating?

(a) At what formation time does 26𝐴𝑙 not contribute to the production of hydrous rocks
that could serve as building blocks for Europa.
At a formation time of 𝑡𝑠𝑡𝑎𝑟𝑡 = 4 Myr after CAI formation, the fraction of hydrous rocks cre-
ated is negligible. This means that for the assumptions posed in this research, the hydrous
compounds on Europa can not be formed by radiogenic heating if it is formed at 4 Myr or
later. The ratio of ice to rocks to produce hydrous rocks is approximately 1/9. That means
that when the hydrous rocks from this research end up becoming a satellite, the conversion
of their hydrous rocks might follow this same proportionality. From the 66% hydrous rocks
being formed at 3 Myr after 1.5 Myr, a composition of 6.3% ice can be formed after dehy-
dration. Assuming the composition of the planetesimal population ends up in the satellite,
the resulting ice mass fraction is in line with the observed low ice mass fraction on Europa
of ∼5-8%.
It is not expected that Europa formed before Io. If Io also formed 3 Myr after CAI forma-
tion, it should have lost its icy composition no later than 1 Myr after the formation of the
planetesimals in order to prevent the formation of hydrous rocks.
If differentiation on Ganymede occurred by SLRN heating, it should have formed before 4
Myr. To prevent full differentiation on Callisto, formation should occur after 4 Myr.

(b) What locations in the CPD around Jupiter can be (de)hydrated by the effects of 26𝐴𝑙.
For all formation times, the regions where most hydrous rocks are formed are close to Jupiter
and at the outer edges of the CPD. This is closely tied to the ice mass fraction, which as
described in item 1c seems to be optimal at around 10%, both for the hotter inner- and colder
outer parts of the CPD.

4.2. Recommendations
1. The formation time has been analysed on the 1-4 Myr region with an interval of 1 Myr. This gave

the result of partial hydration at 3 Myr and no hydration at 4 Myr. To more precisely pinpoint the
time no hydration occurs in the CPD will further strengthen the conclusions on the production of
hydrous materials for the Galilean system.

2. This research has limited itself to a single planetesimal population formed by the SI assumption
and subjected it to the conditions of a single CPD. Different formation theories produce different
populations w.r.t. mass distribution and typical planetesimal sizes, which have been shown to
alter the resulting composition. This will play a role in analysing satellite systems besides that
of Jupiter. Although limited by a single population and CPD, the tools presented in this research
can however be adapted for different conditions.

3. The addition of ammonia ice has shown its potential in lowering the melting temperature of ice.
In this research, this is the only implication of the introduction of ammonia ice. More details
should be introduced to fully simulate the introduction of ammonia ice and its effect on the thermal
parameters of conduction, diffusion, specific heat and the resulting density of ice.

4. The surface layer was simulated using three heating sources: internal radiogenic heating, con-
duction from the sub-surface layer and cooling via surface radiation. The interaction between the
surface layer and the surrounding CPD could be modelled in more detail, taking into account the
heating of the surrounding gas in the CPD and its ability to cool by moving inside the disk.
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5. As of writing this, the proposed launch date of JUpiter ICy moons Explorer (JUICE) is 2023. 1

This spacecraft will perform observations of the moons Ganymede, Callisto and Europa for three
years. This will potentially lead to new insights into the formation origin of the Galilean Satellites.
Assumptions made in this research should be critically reviewed by new research in the future.

1https://https://sci.esa.int/web/juice/
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